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Disk-related variability

✦ Gas disk (warps, accretion)

✦  (T Tauri/Herbig AeBe)

✦ Dust disk-related (clumps)
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Spectral variability of CTTSs in unstable regime 2677

Figure 3. Magnetospheric accretion in the stable regime and the corresponding Hδ model profiles are shown at different rotational phases (indicated at the
lower-left corner of each panel; with 0.08 interval). For a demonstration purpose, only a subset (only for about one rotation period of the star) of the MHD
simulations and model profiles is shown. The volume rendering of the density shown in colour (in logarithmic scale) at each phase are projected towards an
observer viewing the system with its inclination angle i = 60◦. The model profiles are also computed at i = 60◦. The line profiles models extended to the
rotational phase φ = 2.96 are presented in Fig. B1 (Appendix B in the online supporting information).
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Kurosawa & Romanova 2013, Rappaport et al 2012



Gas disk-related
2002 F. Dai et al.

Figure 4. Evolution of the tidal encounter in the plane of the sky, shown with four different snapshots. The bottom-right panel shows the structure as seen
today. From top left to right bottom, the snapshots are taken at −589, −398, −207 and 0 yr from today, respectively. The surface density is logarithmically
scaled, and was chosen such that the final snapshot resembles the observations by Cabrit et al. (2006). Note that a stream of material linking star A and star
B is present, even though it does not appear in the bottom-right panel, due to the choice of surface density threshold (compare this final snapshot with the
right-hand panels of Fig. 11).

both the A disc and the tidal arm are optically thick as observed,
and their peak flux is in broad agreement with the observations by
Cabrit et al. (2006), together with the moderate asymmetry of the
double-horned line profile of the disc. The disc has in fact gained a
small eccentricity, as apparent from the right-bottom panel of Fig. 4.
The 12CO(J = 2–1) line profile of the gas around star B recovers the
main features of the observed profile, besides the peak flux, which
is lower than the observed one by a factor of 2. This may result from
incorrect assumptions about the temperature profile around star B
(temperature has a simple dependence on the distance from star A),
but may also simply reflect that star B also possessed a disc prior to
the encounter (in contrast to what we assume here, where the final
disc is composed of material entirely captured from the disc of star
A).

Cabrit et al. (2006) obtained an indirect measure of the size
of the disc around star A by using the position of the peaks of the
typical double-horned profile of the emission lines (see Section 2.1).
They observed a line profile with peaks at ∼3.5 km s−1 from the
centre, whereas in our synthetic observation we obtain the two peaks
at ∼2.5 km s−1 from the centre of the line. This seems to suggest
that the disc in our simulations is larger than the one observed by a
factor ∼2. However, if we look at the hydrodynamical simulation of
our best model (see Fig. 9), or if we look at the synthetic continuum
emission shown in Fig. 10, the disc size is in good agreement with

the observations (∼50 au). After convolution, we are obtaining
contamination from low-velocity gas in the inner part of the tidal
arm and the elliptical outer region of the disc. The difference in our
synthetic line profiles implies that we are overestimating emission
from these outer regions. Detailed thermal modelling is however
beyond the scope of this project; the agreement with the size derived
from the thermal continuum reassures us that the dynamical effects
of the encounter are well reproduced.

5.2 Dust emission

We used TORUS (c.f. Section 3.2) to produce a synthetic observation
of the continuum emission at 1.3 mm of the same snapshot showed
in Fig. 6. We consider standard assumptions on the dust properties.
First of all we assume that spatial distribution of the dust follows
exactly the gas distribution. This is likely to be the case in our
framework, since the dynamics of the gas itself is mainly ballistic
during the encounter. The dust component is dynamically driven
by the same gravitational potential. At the moment we neglect sec-
ondary effects, that might be due to hydro terms in the dynamics
of the gas. We assume a gas-to-dust ratio equal to 100, and a grain
size distribution ranging between 50 Å and 1 cm. We use a typical
grain size distribution, where dn/ds ∝ s−w, where n is the numerical
density of dust particles, and s is the grain size. It is well known

MNRAS 449, 1996–2009 (2015)
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rare and deep events possible - e.g. RW Aur
(also brightening - FU Ori)

Dai et al 2015, Rodriguez et al 2013



Aftermath of collisions

area, or in area alone rather than purely in tem-
perature, may be responsible for the disk varia-
tions (supplementary text).

In the following analysis, we focus on the
4.5-mm data where we have observations from
both years, and the disk is measured at a higher

signal-to-noise ratio. The data at 3.6 mm show
consistent behavior, although at lower signal-to-
noise ratio. In 2012, the disk flux density stayed

SCIENCE sciencemag.org 29 AUGUST 2014 • VOL 345 ISSUE 6200 1033

Fig. 1. Spectrum of the ID8 system. The photo-
metric errors are smaller than the symbol size and
are not shown; errors of the Spitzer/IRS spectrum
are indicated as vertical lines. Red crosses at 24 mm
show the three epochs of Spitzer/MIPS observa-
tions that led to the discovery of disk variability (8).
The ranges of the new measurements at 3.6 and
4.5 mm in this work are plotted as blue vertical lines.
CTIO,CerroTololo Inter-AmericanObservatory;2MASS,
2 Micron All Sky Survey; MIPS, Multiband Imaging
Photometer for Spitzer; IRS, InfraredSpectrograph;
WISE,Wide-field Infrared Survey Explorer.

Fig. 2. Light curves
of the debris disk
of ID8 at 3.6 and
4.5 mm, assuming no
error in photosphere
subtraction. The gap
between Barycentric
Modified Julian Date
(BMJD) 56155 and
56311 occurred when
ID8 was outside of the
Spitzer visibility
windows.

RESEARCH | REPORTS

NGC 2547 - 35Myr

Meng et al 2014

area, or in area alone rather than purely in tem-
perature, may be responsible for the disk varia-
tions (supplementary text).

In the following analysis, we focus on the
4.5-mm data where we have observations from
both years, and the disk is measured at a higher

signal-to-noise ratio. The data at 3.6 mm show
consistent behavior, although at lower signal-to-
noise ratio. In 2012, the disk flux density stayed

SCIENCE sciencemag.org 29 AUGUST 2014 • VOL 345 ISSUE 6200 1033

Fig. 1. Spectrum of the ID8 system. The photo-
metric errors are smaller than the symbol size and
are not shown; errors of the Spitzer/IRS spectrum
are indicated as vertical lines. Red crosses at 24 mm
show the three epochs of Spitzer/MIPS observa-
tions that led to the discovery of disk variability (8).
The ranges of the new measurements at 3.6 and
4.5 mm in this work are plotted as blue vertical lines.
CTIO,CerroTololo Inter-AmericanObservatory;2MASS,
2 Micron All Sky Survey; MIPS, Multiband Imaging
Photometer for Spitzer; IRS, InfraredSpectrograph;
WISE,Wide-field Infrared Survey Explorer.

Fig. 2. Light curves
of the debris disk
of ID8 at 3.6 and
4.5 mm, assuming no
error in photosphere
subtraction. The gap
between Barycentric
Modified Julian Date
(BMJD) 56155 and
56311 occurred when
ID8 was outside of the
Spitzer visibility
windows.

RESEARCH | REPORTSanalogous to Earth-Moon forming impact
or collisions within a bright asteroid belt



Clump evolution
lifetime depends on ejection velocity - linked to masses
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Aftermath of collisions

✦ Can watch post-collision clump evolution

✦ properties of colliding bodies

✦ collision outcomes

✦ Combine with thermal emission

✦ independent constraints on dust properties

✦ quantify “clumpiness”



Comets

A. Lecavelier des Etangs et al.: Photometric stellar variation due to extra-solar comets 919

Fig. 1. Plot of the photometric variations during a cometary occultation
in red (λ ∼ 8000 Å, thick solid line) and in blue (λ ∼ 4000 Å, thick
short-dashed line). The insert is a view from the top when the comet
is crossing the line of sight (Y = 0) at the periastron. The production
rate is 2 · 10

6 kg s−1 at 1 AU. The scattered light is given by the top
thin lines, the extinction by the bottom thin lines (long-dashed line
for λ ∼ 8000 Å; dotted line for λ ∼ 4000 Å). The total variation is
plotted with the thick lines. This light curve presents the very specific
“rounded triangular” shape observed in the majority of simulations of
cometary occultations. The difference between the variation in the blue
and in the red is negligible and less than 1%.

3.3. Color signatures

As seen in Sect. 2.3, the light variations show some color signa-
ture due to the optical properties of the grains. Particles with a
size smaller than the wavelength are less efficient for extinction.
Thus, extinction is smaller at larger wavelengths. The forward
scattering is more peaked to the small angles at shorter wave-
lengths (Lamers et al. 1997). The scattering is thus larger at
smaller wavelengths when the cometary cloud is occulting the
star (a contrario, the scattering is larger at larger wavelength
when the comet cloud is seen far from the star; but then the scat-
tered light becomes negligible). As a result, there is a balance
between the additional scattered light and the extinction; both
are larger at smaller wavelengths. It is difficult to predict what
will be the color effect on cometary occultation light curves.

In addition, most of the extinction and scattering due to
the cometary dust is concentrated in the inner coma, where the
number of large particles is larger because smaller particles are
more efficiently ejected by radiation pressure (Sect. 2.1). As
a consequence, in the optical, and with the size distribution
assumed inSect. 2.1, the light curves are barely dependent on the
wavelength (or color band).Thedifferencebetweenvariations in
blue and in red is smaller than few percents. This color signature

Fig. 2. Same as Fig. 1. Here all the parameters are the same except that
the longitude of the periastron is at 90◦ from the line of sight. This
gives a production rate of 5 · 10

5 kg s−1 at 2 AU. The cometary tail
is aligned with the line of sight; consequently the light curve presents
a more symmetrical shape resembling a planetary occultation. The net
color effect is hardly detectable and of the order of 1.5%.

would be very difficult to observe. This is beyond the today
technical feasibility.

However, for comets at small distances from the Sun (<∼
0.5 AU), its appears that the dust size distribution is peaked at
smaller sizes (Newburn & Spinrad 1985). This decrease of ap

with the heliocentric distance could be due to particle fragmen-
tation. Although it is difficult to guess the size distribution for
extra-solar comets, it is easy to understand that if small parti-
cles are more numerous (with s < 0.5 µm), the occultation will
show a larger color signature. We checked that a comet with a
periastron at 0.3 AU and sp = 0.25 µm (Newburn & Spinrad
1985) gives larger extinction by about 15% in the blue than in
the red (Fig. 4).

3.4. Conclusion

Photometric variations due to the stars’ occultation by extra-
solar comets could be detectable by photometric measurements
with an accuracy of∼ 10−3 – 10−4. In most cases, the particu-
lar “rounded triangular” shape of the light curve can be an easy
diagnostic for the presence of a comet. However, in some cases,
the light curves can mimic an occultation by a more compact
object like a classical extra-solar planet (Lecavelier des Etangs
et al. 1997). The color signatures of cometary occultations can
be too small to avoid the confusion. The detection of periodicity
appears to be critical in the diagnostic of a planetary occultation.
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would be very difficult to observe. This is beyond the today
technical feasibility.

However, for comets at small distances from the Sun (<∼
0.5 AU), its appears that the dust size distribution is peaked at
smaller sizes (Newburn & Spinrad 1985). This decrease of ap

with the heliocentric distance could be due to particle fragmen-
tation. Although it is difficult to guess the size distribution for
extra-solar comets, it is easy to understand that if small parti-
cles are more numerous (with s < 0.5 µm), the occultation will
show a larger color signature. We checked that a comet with a
periastron at 0.3 AU and sp = 0.25 µm (Newburn & Spinrad
1985) gives larger extinction by about 15% in the blue than in
the red (Fig. 4).

3.4. Conclusion

Photometric variations due to the stars’ occultation by extra-
solar comets could be detectable by photometric measurements
with an accuracy of∼ 10−3 – 10−4. In most cases, the particu-
lar “rounded triangular” shape of the light curve can be an easy
diagnostic for the presence of a comet. However, in some cases,
the light curves can mimic an occultation by a more compact
object like a classical extra-solar planet (Lecavelier des Etangs
et al. 1997). The color signatures of cometary occultations can
be too small to avoid the confusion. The detection of periodicity
appears to be critical in the diagnostic of a planetary occultation.
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Two families of exocomets in the b Pictoris system
F. Kiefer1,2,3, A. Lecavelier des Etangs1,2, J. Boissier4, A. Vidal-Madjar1,2, H. Beust5, A.-M. Lagrange5, G. Hébrard1,2 & R. Ferlet1,2

The young planetary system surrounding the star b Pictoris harbours
active minor bodies1–6. These asteroids and comets produce a large
amount of dust and gas through collisions and evaporation, as hap-
pened early in the history of our Solar System7. Spectroscopic obser-
vations of b Pictoris reveal a high rate of transits of small evaporating
bodies8–11, that is, exocomets. Here we report an analysis of more
than 1,000 archival spectra gathered between 2003 and 2011, which
provides a sample of about 6,000 variable absorption signatures aris-
ing from exocomets transiting the disk of the parent star. Statistical
analysis of the observed properties of these exocomets allows us to
identify two populations with different physical properties. One fam-
ily consists of exocomets producing shallow absorption lines, which
can be attributed to old exhausted (that is, strongly depleted in vola-
tiles) comets trapped in a mean motion resonance with a massive
planet. Another family consists of exocomets producing deep absorp-
tion lines, which may be related to the recent fragmentation of one or
a few parent bodies. Our results show that the evaporating bodies
observed for decades in the b Pictoris system are analogous to the
comets in our own Solar System.

From 2003 to 2011, a total of 1,106 spectra of b Pictoris have been ob-
tained using the HARPS (High Accuracy Radial velocity Planet Searcher)
spectrograph. Observations of the calcium (Ca II) doublet—the Ca II

K-line at 3,933.66 Å and the Ca II H-line at 3,968.47 Å—show a large
number of variable absorption features (Fig. 1) varying on timescales
of one to six hours. These features, simultaneously detected in both Ca II

K and Ca II H lines, are interpreted as exocomets transiting in front of
the stellar disk7–11. Since the b Pic Ca II spectrum is typically observed to
be stable on 30-min timescales, we averaged together spectra in distinct
10-min time intervals to limit any possible spectral variability. This re-
sults in a total of 357 spectra with signal-to-noise ratio greater than 80.
To characterize the profile of these transient absorption lines, we divided
each of the 357 averaged spectra by a reference spectrum of b Pictoris
(Extended Data Figs 1 and 2) assumed to be free of the absorption sig-
natures of transiting exocomets.

Given the HARPS resolution and sensitivity, each b Pictoris spectrum
shows an average of about six variable absorption features that are due
to exocomets. These features have radial velocities ranging from 2150
to 1200 km s21 with respect to the b Pictoris heliocentric radial velo-
city (,20 km s21). We fitted each feature with a Gaussian profile and
obtained the estimates of pK and pH (their depths in the Ca II K and H
lines), vr (the radial velocity of the absorbing cloud) andDv (the line’s full
width at half maximum (FWHM) expressed in units of radial velocity).

A large number of the cometary gaseous clouds that pass in front of
the star and produce the absorption features observed are smaller than
the stellar disk. Therefore, the pK and pH of each feature depends on A,
the Ca1 cloud’s opacity (absorption depth), and a~Sc=S?, the ratio of
the area of the cloud Sc over the area of the stellar disk S?. The simu-
ltaneous fit of the K and H lines yields a non-degenerate determination
of both a, A, vr and Dv for each feature (Extended Data Fig. 3).

Because the transit of an orbiting exocomet can last several hours, we
considered the measurements derived from the fit of only one spectrum
per observation day. This ensured that each set of measurements was
linked to a different independent object. We thus collected a total of 570
individual sets of measurements from independent transiting cometary
clouds. Of these 570 detections, we discarded variable absorption fea-
tures compatible with pK,H ,0.01 andDv , 3 km s21, in order to avoid
contamination introduced by fitting spurious features. We thus end up
with a total of 493 detected cometary clouds. For the statistical analysis,
we also excluded detections with a 5 1, corresponding to clouds cover-
ing the full stellar disk and for which some physical characteristics, like
the transit distance, cannot be derived.

The plot of the absorption depth A as a function of the surface ratio a
(Fig. 2) shows a depletion of cometary clouds with 0.2 , a , 0.5 and
A $ 3 (or logA $ 0.5). This depletion divides the data into two well sep-
arated clusters, revealing the existence of two distinct populations of
exocomets. Statistical cluster analysis12 in the (pH, pK) diagram (Extended
Data Fig. 4) shows that these two populations can be distinguished by
the value of pK. The first population, called ‘population S’, corresponding

1Centre National de la Recherche Scientifique (CNRS), Unité Mixte de Recherche (UMR) 7095, Institut d’Astrophysique de Paris, 98 bis boulevard Arago, F-75014 Paris, France. 2Université Pierre et Marie
Curie, UMR 7095, Institut d’Astrophysique de Paris, 98 bis boulevard Arago, F-75014 Paris, France. 3School of Physics and Astronomy, Raymond and Beverly Sackler Faculty of Exact Sciences, Tel Aviv
University, Tel Aviv 69978, Israel. 4Institut de Radioastronomie Millimétrique, 300 rue de la Piscine, 38406 Saint Martin d’Hères, France. 5Université Joseph Fourier-Grenoble 1/CNRS– Institut National des
Sciences de l’Univers, Institut de Planétologie et d’Astrophysique de Grenoble, UMR 5274, 414 Rue de la Piscine, 38400 St-Martin d’Hères, France.
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Figure 1 | A typical Ca II spectrum of b Pictoris. a, Ca II K-line (3,934 Å).
b, Ca II H-line (3,968 Å). A typical Ca II spectrum of b Pic (black line) collected
on 27 October 2009 is shown together with the derived b Pic stellar spectrum
(red line) used as the reference spectrum free of variable absorption features.

Radial velocities are given with respect to the star’s rest frame. CS indicates the
circumstellar disk contribution, while solid black lines indicate the changes in
flux caused by the transiting exocomets. Each transiting exocomet produces
an absorption signature detected at the same radial velocity in both Ca II lines.
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first exocomet evidence seen towards beta Pictoris in the 
late 1980s - “falling evaporating bodies”



KIC 8462852 - an otherwise normal F-type dwarf
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Figure 1. Montage of flux time series for KIC 8462852 showing different portions of the 4-year Kepler observations with different vertical scalings. The top
two panels show the entire Kepler observation time interval. The starting time of each Kepler quarter is marked and labeled with a red vertical line in the top
panel ‘(a)’. Panel ‘(c)’ is a blowup of the dip near day 793, (D800). The remaining three panels, ‘(d)’, ‘(e)’, and ‘(f)’, explore the dips which occur during the
90-day interval from day 1490 to day 1580 (D1500). Refer to Section 2.1 for details. See Section 2.1 for details.
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Figure 1. Montage of flux time series for KIC 8462852 showing different portions of the 4-year Kepler observations with different vertical scalings. The top
two panels show the entire Kepler observation time interval. The starting time of each Kepler quarter is marked and labeled with a red vertical line in the top
panel ‘(a)’. Panel ‘(c)’ is a blowup of the dip near day 793, (D800). The remaining three panels, ‘(d)’, ‘(e)’, and ‘(f)’, explore the dips which occur during the
90-day interval from day 1490 to day 1580 (D1500). Refer to Section 2.1 for details. See Section 2.1 for details.
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“So let me get this straight, 
they found a planet with a 
possible alien civilization, and 
then the telescope broke?”

Press coverage: try google images-ing “KIC8462852”



Why comets?

✦ Few shallow dimming events

✦ large population of occulting bodies unlikely

✦ comet fragments share similar orbits

✦ Velocity inferred to be large from gradient

✦ <1au if circular, but events not repeated

✦ eccentric with small pericenter - disruption



Why not comets?

✦ Fragments/clumps must be roughly star sized

✦ depth 20% vs 0.1% from beta Pic model

✦ Requires ~1018 g of only micron sized grains

✦ e.g. roughly Hale Bopp mass

✦ but larger grains likely present so mass higher

✦ Too improbable? (a 1:150,000 event from 4 years)



GAIA Alerts
✓ Sample - vast increase in numbers monitored

✓ Cadence - dimming events days to weeks

✓ Real-time - can follow up immediately

✓ Sensitivity - gas-disk and collisions no problem

? KIC8462852 only 20% at most (but very stable)



Summary
✦ Transiting debris

✦ largely a new field - opportunity for discovery

✦ real-time follow up essential for rare events

✦ terrestrial planet formation, asteroid belt 
evolution, comets - access to the habitable 
zone



η Corvi - comet delivery?
The Astrophysical Journal, 747:93 (25pp), 2012 March 10 Lisse et al.

(a) (b)

(c)

(d)

Figure 2. (a) SED for η Corvi showing the 0.4–2.2 µm BVR/2MASS system photometry dominated by stellar photospheric emission, the 12–100 µm
stellar/circumstellar dust MIR flux measurements of IRAS and Spitzer, and the 100–1000 µm cold FIR excess measured by Herschel and JCMT/SCUBA [2].
The solid gray line represents the combined fit to the η Corvi SED using a two-blackbody model (red) with warm (350 K) and cold (35 K) dust reservoirs and emission
from a Kurucz F2V photosphere normalized to the BVR/2MASS photometry (dashed line). (b) 100 µm (top) and 160 µm (bottom) Herschel PACS FIR images of
η Corvi, after Matthews et al. (2010). Contours are shown at 0%, 10%, 30%, 50%, 60%, 70%, 80%, 90%, and 99% of the peak in the map. Circles in the upper
left corner of each panel mark the nominal beam sizes. (c) JCMT/SCUBA submm images of η Corvi at 850 µm (15.′′8 resolution), 450 µm (at 13.′′7 resolution),
and 450 µm with an effective resolution of 9.′′5 (after Wyatt et al. 2005). In all images, the observed sub-millimeter emission is from cold KB dust at a distance of
∼150 AU (LTE ∼ 35 K) from the primary; the star itself is not visible. Biolabate structure due to a tilted ring system is evident in the 160 µm and high-resolution
450 µm images. The second source toward the top in the sub-millimeter images is in the background and not relevant. (d) GEMINI and VLT profiles of η Corvi N and
Q emission compared to point stellar sources, showing the lack of resolved extension for the warm dust flux outside 3.5 AU (after Smith et al. 2008).

ric measurements demonstrating that the middle regions of the
system are empty of dust, and the system structure is quali-
tatively consistent with dynamical sculpting of sub-millimeter
emitting dust by ice-giant or gas-giant planets (Wyatt et al. 2005;
Kuchner & Stark 2010). Analysis of the η Corvi debris
disk may thus provide an important study of LHB-like
events which occurred well after a system’s planets finished
forming.

In this paper, we analyze in detail Spitzer η Corvi IRS
5–35 µm and the Infrared Telescope Facility (IRTF)/SPeX
2–5 µm spectral measurements of the warm dust component,
utilizing strong features in the near- and mid-IR spectrum to
allow us to determine the major dust components producing the
observed emission. We have used a similar methodology to study
the amount, kind, and location of the dust and water-gas/ice
excavated from the comet 9P/Tempel 1 (Lisse et al. 2006), the

3

Matthews et al 2010, Duchene et al 2014, Smith et al 2008, 2009

scattering?

The Astrophysical Journal, 784:148 (19pp), 2014 April 1 Duchêne et al.

Figure 4. Close up on the 70 µm image of η Crv before (left) and after (right) subtraction of a PSF scaled to the best-fit estimate of the combined flux of the star and
inner ring component. Both images are shown on a linear stretch from zero to 125% of the peak pixel brightness. The signal-to-noise ratio per pixel varies from 10 to
20 along the ring in the PSF-subtracted map.
(A color version of this figure is available in the online journal.)

a reference PSF (Figure 4). Out of 11 available PSFs, we selected
an image of β And (OID 1342212508) which presented the best
match to the core FWHM measured in η Crv image. We note
that the low intensity (≈10% of the peak) trefoil artifact of the
PACS PSF may introduce a small additional uncertainty in the
subtraction. The inclination and compact size of the ring also
introduces uncertainty in the PSF subtraction process. Using two
extreme cases of a zero-flux central pixel on one hand and an
maximally smooth residual map inside of the ring on the other
hand (which yield fluxes of 79 and 61 mJy for the unresolved
source, respectively), we estimate that the central point source
has a 70 µm flux density of 70 ± 5 mJy. Thus, the emission
from the warm dust at 70 µm is comparable to that of the star
itself. Note that the absolute flux calibration uncertainty of PACS
(2.6%)21 is significantly smaller, and thus the dominant source
of error is the PSF subtraction itself. This estimate is confirmed
by the analysis of the deconvolved images, which show that
the central point source accounts for about 30% of the total
flux. At 100 µm, no central point source is detected, even in the
deconvolved image. Subtracting a scaled PSF from the image
until the central pixel has zero flux leads to a conservative upper
limit of 45 mJy for the central source. For comparison, the
predicted photospheric flux at 100 µm is 17 mJy.

The 70 µm image of the outer ring (after subtraction of the
central core) shown in Figure 4 provides valuable information
on its azimuthal and radial structure. The NW ansa has a higher
peak surface brightness and is somewhat sharper than the SE
one, as illustrated in Figure 5. The radial profiles of the ring
appear marginally resolved in all directions, even toward the
sharper NW ansa. This does not seem to be confirmed by our
deconvolution attempts, however. Our modeling (see below)
supports the conclusion that the ring is not resolved radially
in these observations. Higher resolution observations, which
would be particularly helpful in reducing confusion with the
central point source, are needed to study directly the radial and
azimuthal structure of the outer ring. We note, however, that
the SE and NW halves of the outer ring (split along the minor
axis) have integrated 70 µm fluxes whose ratio is 0.96+0.02

−0.03. In
other words, there is no significant left/right asymmetry in the
integrated brightness of the outer ring at that wavelength.

21 http://herschel.esac.esa.int/twiki/pub/Public/PacsCalibrationWeb/pacs_
bolo_fluxcal_report_v1.pdf

Figure 5. Surface brightness radial profile for the outer ring of η Crv as
estimated from the core-subtracted 70 µm image. The profiles are computed
as the median profiles within four separate wedges, each with a half opening
angle of 30◦ and centered along either side of the major and minor axes. The
inset image indicates the central P.A. used to define each wedge. The shaded
areas surrounding each curve represent the range of ring profiles obtained from
using the “minimum” and “maximum” possible PSF subtraction, highlighting
the increasing uncertainty introduced by PSF subtraction at short distances from
the star. The horizontal axis represents the deprojected distance to the central
source assuming an inclination of 47◦ and a major axis P.A. of 116◦ (Section 3.3).
The gray bar indicates the position of the ring mean radius as derived from our
radiative transfer modeling (Section 4.3); it is further out than the peak of the
curves as a consequence of azimuthal smearing and PSF convolution.
(A color version of this figure is available in the online journal.)

At 100 and 160 µm several faint sources are detected in the
vicinity of η Crv (see Figures 1 and 3). Two of them, sources
B and C, have been detected at 450 and 850 µm by Wyatt et al.
(2005), and we follow their nomenclature, adding a source D
located further North of η Crv than source B. We estimated the
100 and 160 µm fluxes of all three background sources using
small apertures and applying appropriate aperture corrections;
we also estimated their location relative to η Crv by measuring
the centroid of each source in these apertures. The relative
astrometry and fluxes of the background sources are summarized
in Table 4. Given its high proper motion, η Crv has moved
≈4′′ relative to fixed background sources during the almost
9 yr time difference between our PACS observations and the
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possible origin: comet delivery 
from outer belt - needs planets!




